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We construct sequences of rapidly rotating neutron stars in dilatonic Einstein-Gauss-Bonnet the-
ory, employing two equations of state for the nuclear matter. We analyze the dependence of the
physical properties of these neutron stars on the Gauss-Bonnet coupling strength. For a given equa-
tion of state we determine the physically relevant domain of rapidly rotating neutron stars, which
is delimited by the set of neutron stars rotating at the Kepler limit, the set of neutron stars along
the secular instability line, and the set of static neutron stars. As compared to Einstein gravity, the
presence of the Gauss-Bonnet term decreases this domain, leading to lower values for the maximum
mass as well as to smaller central densities. The quadrupole moment is decreased by the Gauss-
Bonnet term for rapidly rotating neutron stars, while it is increased for slowly rotating neutron
stars. The universal relation between the quadrupole moment and the moment of inertia found
in General Relativity appears to extend to dilatonic Einstein-Gauss-Bonnet theory with very little
dependence on the coupling strength of the Gauss-Bonnet term. The neutron stars carry a small
dilaton charge.
PACS numbers: 04.50.-h, 97.60.Jd
I. INTRODUCTION
Neutron stars represent the compact remains of massive stars after their supernova explosion and collapse.
Consisting largely of neutron matter, neutron stars form highly compact astrophysical objects. Therefore it is
essential to take into account the curvature of space-time induced by the large concentration of mass. Coupling
the nuclear matter to gravity as described by General Relativity (GR) or generalized theories of gravity then
leads to a consistent theoretical approach to study neutron stars and their properties.
A current major unknown in such studies is the proper treatment of nuclear matter under extreme conditions
as encountered inside a neutron star. Here numerous equations of state (EOSs) for the nuclear matter have
been proposed and employed (see e.g. [1]). The choice of the EOS determines the size of the neutrons stars and
the maximal value of the mass. The observations of neutron stars with masses of M ≈ 2M⊙ [2, 3] therefore
provide a strong constraint for the physically viable EOSs.
While the physical properties of neutron stars typically depend strongly on the chosen EOS, in recent years
the study of EOS independent – or almost independent – neutron star characteristics came into the focus.
Notably, the I-Love Q relations for neutron stars represent universal relations that hold between the scaled
moment of inertia, the Love number, and the scaled quadrupole moment in Einstein gravity [4–6]. Also for
quasinormal modes (QNMs) of neutron stars universal relations concerning frequency and damping time have
been found [7–10].
Whereas most studies of neutron star properties have been performed within GR, generalized models of
gravity have also been considered (for a recent review see [11]). In fact, neutron stars represent an excellent
testing ground for such generalized models of gravity. While scalar-tensor theories (STTs), for instance, can lead
to results very close to those of GR, certain STTs also allow for the phenomenon of spontaneous scalarization,
yielding neutron stars with considerably larger masses in the presence of a non-trivial scalar field [12, 13].
Here we consider neutron stars in dilatonic Einstein-Gauss-Bonnet (dEGB) theory. This theory is motivated
from string theory, a leading candidate for a quantum theory of gravity and a unified description of the fun-
damental interactions of Nature. String theory predicts the presence of higher curvature terms in the action
as well as further fields. In particular, the low energy effective action obtained from heterotic string theory
contains as basic ingredients a Gauss-Bonnet (GB) term and a dilaton field [14, 15]. As an attractive feature of
dEGB theory the quadratic curvature terms in the action still lead to only second order equations of motion.
Properties of static neutron stars in dEGB theory were first considered in [16]. Studying neutron stars for
three EOSs it was shown, that the maximum mass of the neutron stars decreases as the GB coupling constant
is increased. Interestingly, the sequences of static neutron stars cannot be extended beyond a critical value of
2the central density, which depends on the GB coupling strength and on the EOS. Here a vanishing radicant
is encountered in the expansion of the dilaton field at the origin [17]. This behavior therefore leads to EOS
dependent constraints on the GB coupling [16].
In the case of slow rotation a perturbative study allows for the extraction of the moment of inertia of neutron
stars. Generalizing the corresponding GR derivation [22], the moment of inertia was calculated in dEGB theory
in [16]. There it was shown that the moment of inertia decreases with increasing GB coupling. Recently, also
QNMs of neutron stars were studied in dEGB theory [23], showing that the frequency of the modes is increased
by the presence of the GB term.
Rapidly rotating neutron stars have been studied extensively in GR (see e.g. [24–26]). However, in generalized
theories of gravity the investigation of rapidly rotating neutron stars has only begun recently (see e.g. [11]),
where much progress was achieved in STTs [13] and first results were obtained in dEGB theory [27]. The
physically relevant domain of neutron stars is delimited by the set of static neutron stars, by the set of neutron
stars along the secular instability line, which possess maximum mass for fixed angular momentum, and by the
set of neutron stars rotating at the Kepler limit.
Here we construct for the first time the full physically relevant domain for rapidly rotating neutron stars in
dEGB theory, employing two well-known EOSs [28–30]. We discuss the dependence of the mass on the radius
and on the central density. We consider the compactness, the angular momentum, the rotation period and
the dilaton charge. We extract the moment of inertia and the quadrupole moment of these neutron stars, and
analyze the corresponding universal relation. Finally we discuss the deformation of the rapidly rotation neutron
stars. For all these physical properties we analyze the dependence on the GB coupling strength.
The paper is organized as follows: In section II we exhibit the action, the field equations, the Ansa¨tze,
the boundary conditions and the definitions of the physical quantities, while we present our main results on
rapidly rotating neutron stars in dEGB theory in section III. Section IV gives our conclusions and outlook. The
Appendix sketches our derivation of the quadrupole moment for neutron stars.
II. EINSTEIN-GAUSS-BONNET-DILATON THEORY
Here we first motivate and recall the action of dEGB theory. We exhibit the equations of motion for the
metric and the dilaton field as well as the constraint equations for the stress energy tensor. Subsequently,
we present the stationary axially symmetric Ansatz for the metric. For the neutron star matter we assume a
perfect fluid in uniform rotation, described by a polytropic EOS. Since we work with dimensionless coordinates
we discuss our choice of the dimensionful scales to obtain the corresponding physical values of the observables.
We recall how to extract the global charges and the quadrupole moment from the asymptotic expansions of the
functions, and we describe how we analyze the size and the shape of the neutron stars.
A. Action and Field Equations
Today string theory represents a promising approach towards quantum gravity and a unified description of
the fundamental interactions. In string theory modifications of GR arise, which can be incorporated into an
effective low energy action. In particular, in heterotic string theory a Gauss-Bonnet term arises, which is coupled
to a modulus field, the dilaton [14, 15]. Moreover, Lorentz-Chern-Simons terms and Kalb-Ramond axions are
present. (For more recent discussions on the low energy effective action and its maximally symmetric solutions
see e.g. [31–36].)
The low energy effective action has received much attention in connection with black holes. Based on the
inclusion of various parts of the effective action, numerous static and slowly rotating black hole solutions have
been found (see e.g. [37–48]), as well as rapidly rotating ones (see e.g. [49–53]). Also string theory corrections
of further compact objects have been considered (see e.g. [11]).
Motivated by the low-energy heterotic string theory action [14, 15], we here employ a certain simplified action,
which has been considered previously for black holes [18–20, 45, 54–62] and wormholes [21]. In particular, this
action retains only the dilaton and the GB term in addition to the Einstein-Hilbert action, while it neglects
the Lorentz-Chern-Simons and axion terms (as well as gauge fields and possible matter-dilaton couplings) and
treats spacetime as effectively four-dimensional, assuming no light compactification moduli. Thus the action
3reads
S =
c4
16πG
∫
d4x
√−g
[
R − 1
2
∂µφ∂
µφ+ αe−γφR2GB
]
+ Smatter, (1)
where φ denotes the dilaton field with coupling constant γ, α is a positive coefficient given in terms of the Regge
slope parameter, α′, as α = α′/8 and R2GB = RµνρσR
µνρσ − 4RµνRµν + R2 represents the GB term. With
Smatter we indicate the action of the nuclear matter, although we here construct the neutron stars by assuming
a perfect fluid with a given EOS. We should also note that even though our approach is string inspired, we
would like to be as general as possible and do not assume any a priori restriction on the parameter α (e.g. from
connecting string theory with elementary particle physics data) other than direct empirical constraints from
astronomical observations that we will recall at the beginning of section III.
Variation of the action then leads to a coupled set of equations, to be solved subject to certain boundary
conditions and constraints. The dilaton and the generalized Einstein equations are given by
∇2φ = αγe−γφR2GB (2)
Gµν =
1
2
[
∇µφ∇νφ− 1
2
gµν∇λφ∇λφ
]
−αe−γφ [Hµν + 4 (γ2∇ρφ∇σφ− γ∇ρ∇σφ)Pµρνσ]
+8πβTµν (3)
with
Hµν = 2
[
RRµν − 2RµρRρν − 2RµρνσRρσ +RµρσλR ρσλν
]− 1
2
gµνR
2
GB , (4)
Pµνρσ = Rµνρσ + 2gµ[σRρ]ν + 2gν[ρRσ]µ +Rgµ[ρgσ]ν , (5)
and coupling constant β = G/c4.
Here we have introduced on the r.h.s. of the generalized Einstein equations the stress energy tensor of the
neutron star matter in the form of a perfect fluid
Tµν =
1
c2
(ǫ+ P )UµUν + Pgµν , (6)
where ǫ and P denote the energy density and the pressure of the neutron star fluid, respectively, and Uµ
represents the four velocity of the fluid. In order to close the system of PDEs we impose the condition that the
stress energy tensor is covariantly conserved,
∇µT µν = 0 . (7)
B. Ansa¨tze for the Metric and the Fluid
To obtain rotating neutron stars we employ the Lewis-Papapetrou line element [63] for a stationary, axially
symmetric spacetime with two Killing vector fields ξ = ∂t, η = ∂ϕ. In terms of the spherical coordinates r and
θ, the quasi-isotropic metric then reads [64]
ds2 = gµνdx
µdxν = −c2e2ν0dt2 + e2(ν1−ν0)
(
e2ν2
[
dr2 + r2dθ2
]
+ r2 sin2 θ (dϕ− ωdt)2
)
. (8)
The metric functions ν0, ν1, ν2 and ω as well as the dilaton function φ depend on the coordinates r and θ, only.
We here consider uniform rotation of the neutron star fluid, an assumption well justified for most neutron
stars [26]. In this case the four velocity has the form
Uµ = (u, 0, 0,Ωu) , (9)
where Ω denotes the constant angular velocity of the star.
4Before proceeding further, let us introduce the dimensionless quantities
rˆ =
r
r0
, tˆ =
tc
r0
, ωˆ =
ωr0
c
, Ωˆ =
Ωr0
c
, (10)
and
ǫˆ =
ǫ
ǫ0
, Pˆ =
P
ǫ0
, Tˆµν =
Tµν
ǫ0
, (11)
with r0 representing a length scale and ǫ0 an energy density. Substitution of these expressions in Eqs. (2) and
(3) then suggests the introduction of the following dimensionless coupling constants
αˆ =
α
r20
, βˆ = r20ǫ0β =
Gr20ǫ0
c4
. (12)
To fix the scales let us begin by considering the asymptotic behaviour of the function ν0
ν0 ≈ GM
c2r
=
GM
c2r0rˆ
=
M
M0rˆ
=
Mˆ
rˆ
, (13)
where Mˆ is the dimensionless mass. Thus the mass scale M0 is related to the length scale r0 by M0 = r0c
2/G.
Subsequently we choose the dimensionless coupling constant βˆ = 1. This then relates the energy density scale
to the length scale by ǫ0 = c
4/(Gr20). With the choice M0 = M⊙ we obtain r0 = 1.476902km, ǫ0/c
2 =
617.394× 1015g/cm3. Finally, we rename the dimensionless quantities omitting the hat.
Let us now address the neutron star matter once more. Employing the normalization condition for the four
velocity of the fluid UµUµ = −1, the velocity function u can be expressed in terms of the metric functions ν0,
ν1 and ω and the constant angular velocity Ω,
u2 =
e−2ν0
1− (Ω− ω)2r2 sin2 θe2ν1−4ν0 . (14)
The constraints ∇µT µν = 0 yield the differential equations for the pressure P and the energy density ǫ
∂rP
ǫ+ P
=
∂ru
u
,
∂θP
ǫ+ P
=
∂θu
u
. (15)
These equations have to be supplemented by an EOS, ǫ = ǫ(P ) (or P = P (ǫ)).
A polytropic EOS relates the pressure P to the baryon mass density ρ according to [26]
P = KρΓ , Γ = 1 +
1
N
(16)
with polytropic constant K, polytropic exponent Γ, and polytropic index N , while the energy density ǫ of a
polytrope is given by
ǫ = NP + ρ. (17)
It is common practice to parametrize the pressure and the energy density by the function Θ,
P = P0Θ
N+1, ǫ =
(
NP + ρ0Θ
N
)
, (18)
where P0 and ρ0 are dimensionless constants. Substitution of these expressions into Eq. (15) yields
Θ = c0u− ρ0
P0(N + 1)
, (19)
where c0 is an integration constant, which we express in terms of another constant σ via c0 = ρ0/σP0(N + 1) ,
to obtain the more convenient expression
Θ =
ρ0
σP0(N + 1)
(u− σ) . (20)
A convenient choice for the constant ρ0 is given by ρ0 = 10
−3. The constant P0 follows from Eq. 16, P0 = Kρ
Γ
0 .
5C. Expansions, Boundary Conditions, Global Charges
Having solved the equations for the neutron star matter in terms of the metric functions, as given by Eq. (20),
next the PDEs for the metric functions and the dilaton function need to be considered. We therefore expand
these equations at the origin to obtain regularity conditions for the functions. The expansion at the neutron
star center reads
νi = νic + νi2
r2
2
+O(r3), i = 0, 1, 2 ,
ω = ωc + ω2
r2
2
+O(r3),
φ = φc + φ2
r2
2
+O(r3). (21)
We therefore require at the center the boundary conditions
∂r νi|r=0,θ = 0 , i = 0, 1, 2 , ∂r ω|r=0,θ = 0 , ∂r φ|r=0,θ = 0 . (22)
Note, that the central density and the central pressure of the neutron star matter are determined by the
integration constant σ in Eq. (20) and by the value of metric function ν0 at the origin. At the surface of the
neutron star the pressure and thus the function Θ vanishes. However, we do not impose this outer boundary. It
follows from the integration. We only scan during the integration procedure where Θ vanishes (see the discussion
below).
Since we are looking for asymptotically flat solutions, we require, that the metric approaches the Minkowski
metric in the asymptotic region. Here the metric functions and the dilaton function possess the expansion
ν0 = −M
2r
+
D1M
3r3
− M2
r3
P2(cos θ) +O(r−4), (23)
ν1 =
D1
r2
+O(r−3), (24)
ν2 = −4M
2 + 16D1 + q
2
8r2
sin2 θ +O(r−3), (25)
ω =
2J
r3
+O(r−4), (26)
φ =
q
r
+O(r−2), (27)
where P2(cos θ) is the second Legendre polynomial.
From this expansion we can read off the global charges of the neutron star. M is the mass, J is the angular
momentum, and q is the dilaton charge. The additional expansion constants D1 and M2 enter together with
the mass M and the dilaton charge q into the expression for the quadrupole moment Q of the neutron star [27]
Q = −M2 + 4
3
[
1
4
+
D1
M2
+
q2
16M2
]
M3. (28)
(In Appendix A we give a brief derivation of the quadrupole moment.)
The boundary conditions in the asymptotic region follow from the expansion Eqs. (23)-(27),
νi → 0 , i = 0, 1, 2 , ω → 0 , φ→ 0 . (29)
Requiring regularity along the rotations axis (θ = 0, π) yields the boundary conditions
∂θ νi|θ=0,pi = 0 , i = 0, 1 , ν2|θ=0,pi = 0 , ∂θ ω|θ=0,pi = 0 , ∂θ φ|θ=0,pi = 0 . (30)
We also impose reflection symmetry with respect to the equatorial plane (θ = π/2). The corresponding boundary
conditions are given by
∂θ νi|θ=pi
2
= 0 , i = 0, 1, 2 , ∂θ ω|θ=pi
2
= 0 , ∂θ φ|θ=pi
2
= 0 . (31)
6D. Center and Surface of the Star
The central pressure and the central energy density are obtained from Eqs. (18) together with Eqs. (20) and
(14), evaluated at the center,
Pc = P0Θ
N+1
c , ǫc = NPc + ρ0Θ
N
c , with Θc =
ρ0
σP0(N + 1)
(e−ν0c − σ), (32)
where the value of σ is a free parameter.
The boundary of the star is defined as the surface where the pressure vanishes, or equivalently as noted above,
where the function Θ(r, θ) vanishes. Let us parametrize the boundary by coordinates (rb(θ), θ, ϕ). Then the
metric at the boundary (at fixed time) reads
ds2b = e
2(ν1b−ν0b)
(
e2ν2b
[
(∂θrb)
2 + r2b
]
dθ2 + r2b sin
2 θdϕ2
)
, (33)
where νib = νi(rb(θ), θ).
We use this metric to define the area Ab, the equatorial radius Re and the polar radius Rp of the neutron
star
Ab =
∫ √
det (gb)dθdϕ = 4π
∫ pi/2
0
rbe
2(ν1b−ν0b)+ν2b
√
(∂θrb)2 + r2b sin θdθ , (34)
Re =
1
2π
∫ √
gbϕϕdϕ =
(
e(ν1b−ν0b)rb
)
θ=pi/2
, (35)
Rp =
1
π
∫ pi
0
√
gbθθdθ =
2
π
∫ pi/2
0
eν1b−ν0b+ν2b
√
(∂θrb)2 + r2bdθ . (36)
Let us finally address the Kepler limit of a neutron star. This limit is reached when the neutron star rotates
so rapidly, that the angular velocity Ω of the fluid reaches the angular velocity Ωp of a free particle on the
equator of the boundary. Then a fluid element on the surface of the star at the equator is no longer bound and
the star starts to dissolve. Hence the Kepler limit is also called mass-shedding limit and forms a part of the
boundary of the physically relevant domain of neutron stars.
The Kepler angular velocity ΩK is found by considering the circular orbit of a massive particle at the equator
of the star [26]. The geodesic equation yields for the angular velocity Ωp of the particle
(Ωp − ωb)2 − 2ap(Ωp − ωb) + bp = 0 , (37)
where ωb = ω(rb, π/2) and ap, bp are expressions in the metric functions and their derivatives at (rb, π/2),
ap =
r∂rω
2 (1− r∂r(ν0 − ν1))
∣∣∣∣
rb,pi/2
, bp = − e
4ν0−2ν1r∂rν0
r2 (1− r∂r(ν0 − ν1))
∣∣∣∣
rb,pi/2
. (38)
Solving for Ωp one finds
Ωp = ωb + ap +
√
a2p − bp . (39)
The Kepler angular velocity ΩK is reached for ΩK = Ω = Ωp, since for Ω > Ωp the star would start losing mass.
Note, that the rotational period T of the neutron star is related to the angular velocity Ω by T [s] = 0.03952/Ω
for our choice of units.
III. NEUTRON STARS IN EINSTEIN-GAUSS-BONNET-DILATON THEORY
Let us now turn to the presentation of our numerical results. Note, throughout this work we have set the
dilaton coupling parameter γ to one, thus employing the value from heterotic string theory (in our conventions).
7The dependence on γ was studied previously in [16] for static and slowly rotating neutron stars, showing that
it is basically only the product αγ of the two coupling constants, which determines the neutron star properties.
For a fixed EOS and a fixed value of the GB coupling α, the solutions for the rotating neutron stars then
depend on two parameters. One parameter is the angular velocity of the neutron star fluid Ω, while the second
parameter determines the central energy density ǫc and the central pressure Pc of the the neutron star fluid.
As seen from Eqs. (32), both depend on the integration constant σ, which we therefore employ as the second
parameter to be varied in the calculations. Although the physical meaning of σ is not obvious, Eq. (20) shows
that σ is the time component of the four velocity of the fluid at the boundary of the star, where Θ vanishes.
Concerning the GB coupling constant α we here consider the following three values for the dimensionless
quantity as defined in (12): α = 0 (GR limit), α = 1 and α = 2. Thus we stay below the upper bound obtained
from low mass x-ray binaries [65], which would correspond to α = 12 when converted to our dimensionless α.
(Note, that in [65] the bound is given in units of length as
√
|αY | = 1.9×105 cm.) The (EOS dependent) bound
extracted in [16], as obtained by requiring the existence of sequences of static neutron stars solutions up to a
maximum mass, on the other hand, would correspond to α = 3.36. (In the dimensionful units of [16] it is given
as αP = 23.8M
2
⊙.) Note that the constraints from the solar system are much weaker [59, 65, 66].
Since the calculations for the rapidly rotating neutron stars and, in particular, the extraction of the Kepler
limit have proven to be very time consuming, we have considered only two EOSs here, FPS [29, 30] and DI-II
[28], as discussed below. Moreover, we have restricted the calculations to solutions with masses M ≥ M⊙ for
the EOS FPS and M ≥ 1.4M⊙ for the EOS DI-II.
In the following we briefly address the numerical method and the EOS. We then present our results for the
mass-radius relation and the mass-central density relation. In particular we exhibit the physically relevant
domain for rotating neutron stars. Subsequently, we consider the compactness, the angular momentum, the
rotation period and the dilaton charge. We then extract the moment of inertia and the quadrupole moment,
and consider their universal relation. Finally, we address the shape and deformation of the rapidly rotation
neutron stars.
A. Numerical Method
Let us now turn to the numerical method employed in the construction of the rapidly rotating neutron star
solutions. Before starting the numerical procedure we introduce the compactified coordinate x via
r = rˆ0
x
1− x , 0 ≤ x ≤ 1, (40)
thus mapping the (semi)infinite interval of the coordinate r to the unit interval. A convenient choice for the
constant is rˆ0 = 10. Then the domain of integration [0, 1] × [0, π/2] is subdivided into Nx subintervals is x
direction and Nθ subintervals in θ direction. Typical mesh sizes are Nx = 260, Nθ = 60.
We then employ the CADSOL package [67] based on the Newton-Raphson method. The partial derivatives
are discretized with sixth order of consistency. We need to apply a special treatment at the boundary of the
star. When evaluating the PDEs and their Jacobian we check for each θ and x, whether the function Θ is
positive or negative. If Θ < 0 the meshpoint is outside the star. In this case the parameter β (12) is set to zero.
Otherwise β is set to one.
In the static limit the Einstein and field equations reduce to ordinary differential equations. In this case we
mainly use the COLSYS package [68] to compute the neutron star solutions. For vanishing α we obtain neutron
stars in GR. Here we employ the rns code [26], except for large values of the central density, where the rns code
does not converge. Employing these different methods allows us to compare with the respective results obtained
with CADSOL. In all cases we find excellent agreement.
B. Equations of State
For the rapidly rotating neutron stars in dEGB theory we here consider two EOSs. Both have the advantage
of being relatively simple, while they have the disadvantage that the maximum mass of their static sequence is
below 2M⊙. Thus they cannot describe (slowly rotating) high mass neutron stars [2, 3].
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FIG. 1: The pressure-energy density relation for the two EOSs, FPS and DI-II, employed for the neutron stars. The
pressure P is given in units of dyn/cm2, the energy density ǫ/c2 in units of g/cm3.
The first EOS corresponds to a polytropic EOS, as described by Eq. (16), with N = 0.7463 and K = 1186.0
(with our choice of units). This EOS is denoted by DI-II and taken from [28]. It has been widely used in
neutron star physics in GR as well as in scalar-tensor theory [12, 13].
The second EOS represents an approximation to the FPS EOS from [29], where the analytical fit [30] to the
FPS EOS is approximated by a fit to a polytropic EOS with N = 0.6104 and K = 5392.0 [30]. Note, that in
[23] a set of eight realistic EOSs was employed to obtain sequences of static neutron stars in dEGB theory and
to study the effect of the dilaton and the GB term.
C. Physical Domain of Neutron Star Solutions
Let us now address the sequences of neutron star solution, which delimit the physically relevant domain. This
domain is exhibited for the mass-radius relation in Fig. 2 for the two EOSs employed, the EOS FPS and the
EOS DI-II, respectively, and the values of the dimensionless GB coupling constant α = 0, 1 and 2. This domain
is delimited by (i) the set of neutron stars rotating at the Kepler limit, (ii) the set of neutron stars along the
secular instability line, formed by the set of neutron stars with maximum mass at fixed angular momentum,
and (iii) the set of static neutron stars. In the following we address these limiting curves in more detail.
For a given α the left boundary curve of this domain for the mass-radius relation represents the sequence
of static solutions (Ω = 0), where the mass increases monotonically with decreasing radius until the maximal
value of the mass of a static neutron star is reached. The FPS EOS is a rather soft EOS, therefore this maximal
value of the mass is rather low already in GR. As the GB term is coupled, the mass is decreased monotonically
with increasing GB coupling α. When continuing beyond the maximum mass the set of neutron stars would
no longer be stable but exhibit a first radially unstable mode. These static solutions are spherically symmetric,
thus the equatorial radius Re agrees with the polar radius Rp.
As shown in [16] α cannot increase arbitrarily, while still giving a complete sequence of static neutron stars.
Instead, beyond a critical value of α the sequence no longer reaches a maximum but ends in a critical config-
uration, when a certain radicand in the expansion of the dilaton field vanishes. (Note, that the occurrence of
such critical values was noted first for black holes in dEGB theory [18].) This observation has been used in [16]
to obtain an in principle EOS dependent bound for α. The maximal value of α chosen here is still below this
bound (see the discussion above).
The right boundary curve of this domain for the mass-radius relation represents the sequence of neutron
stars rotating at the Kepler limit (Ω = ΩK). When the neutron star is rotating at the Kepler limit, its fluid
elements at the neutron star boundary at the equator are no longer bound. At a slighly faster rotation rate
they would be shed, and the neutron star would no longer be stable. In order to obtain the Kepler limit with
high precision we compute sequences of solutions for a fixed parameter σ and increasing values of Ω, while
monitoring the quantity δ = 1 − Ωp/Ω. For small δ we then consider the physical quantities mass, angular
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FIG. 2: (a) The physically relevant domain is shown for the mass-radius relation for α = 0, 1 and 2 for the EOS
FPS. For a given α the left boundary curve represents the sequence of static solutions, while the right boundary curve
represents the sequence of neutron stars rotating at the Kepler limit. Both are connected by the secular instability line.
The mass M is given in units of the solar mass M⊙ and the equatorial radius Re in units of kilometers. (b) Same as (a)
for the EOS DI-II.
momentum, equatorial radius, etc as functions of δ and extrapolate to δ = 0.
Both boundary curves are connected by the secular instability line, which forms the remaining upper part of
the boundary of the physically relevant domain, and extends from the maximum of the static sequence to the
Kepler sequence. Here, analogous to the static sequence, the neutron stars become unstable at the maximal
value of the mass for a fixed value of the angular momentum [69].
In Fig. 2, where the mass-radius relation is shown for these three boundary curves, the dots represent the
calculated values for rotating dEGB neutron stars with maximum mass along the secular instability line and at
the Kepler limit. The solid curves for α = 1 and 2 interpolate between these points and also include the static
sequence. We recall, that for α = 0 we used the more efficient rns code.
The mass-radius dependence on the boundary is then as follows: (i) For the static neutron stars the mass
increases with decreasing radius up to the stability limit. (ii) Along the secular instability line the mass increases
with increasing radius until (at the global maximum of the mass in this domain) the Kepler limit is reached.
(iii) For the neutron stars at the Kepler limit, the mass then decreases with increasing radius.
This qualitative behaviour is common to neutron stars in GR and in dEGB theory. We observe as a general
feature of the dEGB neutron stars that their physically relevant domain decreases as the GB coupling α increases.
Thus, the maximum masses are smaller for larger values of α while the minimum radii are larger. For small
masses and large radii the Kepler limit is (almost) independent of α (as long as it exists).
Comparing these domains for the two EOSs we conclude that analogous to GR also for dEGB theory neutron
stars are larger and more massive for EOS DI-II than for EOS FPS.
D. Mass-Radius Relation and Mass-Energy Density Relation
Having determined the limits where the secular instability and the mass shedding set in, we now discuss the
mass-radius relation in more detail. To this end we exhibit in Fig. 3, the mass-radius relation of sequences of
neutron stars with fixed angular velocity Ω. We note, that the values of Ω in the figure are given in dimensionless
units. Ω = 0.01 there corresponds to a frequency of f = 323 Hz. For comparison we recall that the fastest
rotating pulsar has a frequency of ν = 716 Hz [70].
The mass-radius relation of rotating neutron stars in GR has been recently readdressed in [71], where besides
the static and the Keplerian sequence also sequences of neutron stars rotating at fixed angular velocity have
been constructed numerically, varying the frequency from f = 50 Hz to f = 716 Hz for several EOSs. While the
f = 50 Hz sequence basically agrees with the static sequence, small deviations start to arise as the frequency
is increased, and the equatorial radius increases slightly with increasing frequency. This is expected since the
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FIG. 3: (a-c) The mass-radius relation of neutron stars in the physically relevant domain for several values of the
dimensionless angular velocity Ω for the EOS FPS. (Ω = 0.01 corresponds to f = 323 Hz.) The mass M is given in units
of the solar mass M⊙ and the equatorial radius Re in units of kilometers. The GB coupling constant α has the values
α = 0, 1 and 2. The solid black line represents the sequence of static neutron stars, the secular instability line and the
sequence of neutron stars at the Kepler limit. (d-f) Same as (a-c) for the EOS DI-II.
rotation then starts to deform the star. At f = 200 Hz the deviation from the static sequence is still small, but
for larger values of the frequency the effect of rotation changes the mass-radius relation considerably [71]. For
all values of f considered in [71] the mass decreases with increasing radius.
We here do not address the small frequencies, where the mass-radius relation hardly deviates from the
static sequence. Instead, we consider sequences of rapidly rotating neutron stars. We observe in Fig. 3 the
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same monotonically decreasing behavior of the mass versus the equatorial radius for even larger values of the
frequency. In contrast, for very large frequencies the mass increases with the radius. Fig. 3 shows that the
mass-radius sequences for fixed Ω show an analogous behavior independent of the value of the GB coupling
employed and independent of the EOS.
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FIG. 4: (a) The mass-central energy density relation of neutron stars in the physically relevant domain for several
values of the dimensionless angular velocity Ω for the EOS FPS. (Ω = 0.01 corresponds to f = 323 Hz.) The mass M
is given in units of the solar mass M⊙ and the central value of the energy density ǫc/c
2 in units of 1015 g/cm3. The
GB coupling constant α has the values α = 0, 1 and 2. The solid black lines represent the sequences of static neutron
stars, the secular instability lines and the sequences of neutron stars at the Kepler limit. The dotted curves represent
extrapolations indicating the expected behaviour. (b) Same as (a) for the EOS DI-II.
As an alternative representation of our results we exhibit in Fig. 4 the mass M versus the central energy
density ǫc. For a better comparison and extraction of the influence of the GB coupling, we here include all
sequences for a given EOS and all considered values of the GB coupling α = 0, 1 and 2 in a single plot. The
central energy density is maximal for static neutron stars in the stability limit and decreases with increasing
angular velocity along the secular instability line. Concerning the α dependence we note that the maximum of
the central energy density decreases with increasing α. Close to the Kepler limit the mass-central energy density
relation is almost independent of α. Comparison of the two EOSs shows that the EOS FPS yields neutron stars
with larger central energy density than the EOS DI-II.
E. Compactness, Angular Momentum, Rotation Period and Dilaton Charge
The compactness of neutron stars is another quantity of considerable physical interest. Let us define the
compactness C of rotating neutron stars as the ratio of the mass M to the equatorial radius Re
C =
2GM
Rec2
, (41)
normalized such that for black holes with mass M and horizon radius Re the compactness would correspond to
C = 1. (Note, that Kerr black holes have C = 1 independent of the angular velocity of the horizon.) With this
normalization the compactness of neutron stars as discussed in [72] is bounded from above by Clim = 0.6706.
We exhibit the compactness C as a function of the mass in Fig. 5 for several sequences of neutron stars with
fixed angular velocity Ω. The most compact neutrons stars are the static ones with maximum mass. As the
stars rotate, they can get more massive, but at the same time their equatorial radius increases more rapidly, so
that the compactness decreases. We note, that for all solutions the compactness is well below the limit Clim.
Considering the dependence on the GB coupling constant α, we observe that the compactness of the neutron
stars decreases with increasing α. Generically, the EOS DI-II yields less compact neutron stars than the EOS
FPS.
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FIG. 5: (a) The compactness C, Eq. (41), of neutron stars versus the mass in the physically relevant domain for several
values of the dimensionless angular velocity Ω for the EOS FPS. (Ω = 0.01 corresponds to f = 323 Hz.) The mass M is
given in units of the solar mass M⊙. The GB coupling constant α has the values α = 0, 1 and 2. The solid black lines
represent the static sequences, the secular instability lines and the Keplerian sequences. (b) Same as (a) for the EOS
DI-II.
Let us next address the angular momentum J of rotating neutron stars. We exhibit in Fig. 6 the mass M
in units of the solar mass M⊙ versus the angular momentum in units of GM
2
⊙/c for the set of GB coupling
constants α = 0, 1 and 2. Here the secular instability lines form the upper limit for the mass while the lower
limit is given by the Keplerian sequences. The figures reveal an almost linear relation between the mass and
the angular momentum for the Keplerian sequences, which is basically independent of α.
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FIG. 6: (a) The mass M is shown versus the angular momentum J for neutron stars in the physically relevant domain
for several values of the dimensionless angular velocity Ω for the EOS FPS. (Ω = 0.01 corresponds to f = 323 Hz.) The
mass M is given in units of the solar mass M⊙ the angular momentum J in unist of GM
2
⊙/c. The GB coupling constant
α has the values α = 0, 1 and 2. The solid black lines represent the static sequences, the secular instability lines and the
Keplerian sequences. (b) Same as (a) for the EOS DI-II.
Let us now compare with the angular momentum of black holes. For Kerr black holes the reduced dimen-
sionless angular momentum a/M
a
M
=
cJ
GM2
(42)
is limited by its value at maximum rotation amax/M = 1, attained only by extremal black holes. Interestingly,
for dEGB black holes, this Kerr bound can be slightly exceeded [19, 20].
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In [71] the reduced dimensionless angular momentum a/M has been extracted for the Keplerian sequence of
eleven EOSs, including the EOS FPS. For all EOSs considered the maximal value reached for a/M is about 0.7,
i.e., distinctly below the Kerr value. Moreover, except for large values of the mass, the reduced dimensionless
angular momentum a/M varies only little with the mass. For the EOS employed here, we observe a somewhat
different behavior, which may arise from their polytropic character [73, 74].
The rotation periods T of the known pulsars lie within the interval 1.4 ms ≤ T ≤ 8.5 s, i.e., the rotation
period of the fastest known pulsar corresponds to only 1.4 ms. We show the rotation period
T =
1
f
=
2π
Ω
(43)
in units of milliseconds versus the mass of neutron stars in Fig. 7. Interestingly, close to the maximum mass,
the period of neutron stars along the Keplerian sequence is larger than the period along the secular instability
line. Therefore the boundary line exhibits a loop close to the maximum mass.
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FIG. 7: (a) The rotation period T is shown versus the mass M for neutron stars in the physically relevant domain for
several values of the dimensionless angular velocity Ω for the EOS FPS. The period T is given in milliseconds, the mass
M in units of the solar mass M⊙. (T = 1.4 ms corresponds to f = 716 Hz.) The GB coupling constant α has the values
α = 0, 1 and 2. The solid black lines represent the secular instability lines and the Keplerian sequences. (b) Same as (a)
for the EOS DI-II.
In contrast to neutron stars in GR, neutron stars in dEGB theory possess a scalar charge due to the presence
of the dilaton field. This dilaton charge q has been defined in Eq. (27). The presence of a scalar charge was
addressed before in [75], where it was shown, that neutron stars do not possess a scalar charge in dEGB theory,
when the dilaton is coupled only linearly to the GB term. In contrast, for the exponential coupling employed
here a small dilaton charge arises for neutron stars.
In Fig. 8 we show the dilaton charge q as a function of the mass M for GB coupling constants α = 1 and
2. For neutron stars of small masses the magnitude of the scalar charge remains small. It assumes its maximal
value for static neutron stars in the stability limit. As expected the magnitude of the scalar charge is strongly
related to the coupling parameter α. For neutron stars obtained with the EOS FPS the magnitude of the scalar
charge reaches larger values than for neutron stars obtained with the EOS DI-II.
F. Moment of Inertia and Quadrupole Moment
We now turn to the moment of inertia I of the rotating neutron stars which is a very important physical
quantity in the analysis of pulsars. It can be obtained from the ratio of the angular momentum J and the
angular velocity Ω
I =
J
Ω
. (44)
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FIG. 8: (a) The dilaton charge q is shown versus the mass M for neutron stars in the physically relevant domain for
several values of the dimensionless angular velocity Ω for the EOS FPS. (Ω = 0.01 corresponds to f = 323 Hz.) The
dilaton charge is scaled with r0, the mass M is given in units of the solar mass M⊙. The GB coupling constant α has the
values α = 1, and 2. The solid black lines represent the static sequences, the secular instability lines and the Keplerian
sequences. (b) Same as (a) for the EOS DI-II.
In Fig. 9 we exhibit the moment of inertia I of neutron stars. Note, that we do not give the moment of inertia
obtained for slow rotation, since we did not redo the perturbative calculations of [16]. The figure therefore
contains only the rapidly rotating sequences including the Keplerian sequence and the secular instability line.
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FIG. 9: (a) The moment of inertia I is shown versus the mass M for neutron stars in the physically relevant domain
for several values of the dimensionless angular velocity Ω for the EOS FPS. (Ω = 0.01 corresponds to f = 323 Hz.) The
moment of inertia is given in units of 1045 g cm2, the mass M in units of the solar mass M⊙. The GB coupling constant
α has the values α = 1, and 2. The solid black lines represent the secular instability lines and the Keplerian sequences.
(b) Same as (a) for the EOS DI-II.
The quadrupole moment Q can be extracted from the asymptotic expansions of the metric and the dilaton
field, as given in Eq. (28) (see Appendix A for a brief derivation). The static neutron stars are spherically
symmetric, so their quadrupole moment vanishes. For the sequences at fixed angular velocity Ω the quadrupole
moment increases monotonically from the secular instability line to the Keplerian limit, where the star is
maximally deformed.
The quadrupole moment Q is shown as a function of the mass M in Fig. 10 for α = 1 and 2. Note, that
the version of the rns code, which we have used, does not extract the necessary expression for the quadrupole
moment. We have therefore omitted the comparison of the quadrupole moment with the GR values in the
figure, where the quadrupole moment is given in units of M⊙ km
2 and the mass M in units of M⊙. We observe
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FIG. 10: (a) The quadrupole moment Q is shown versus the mass M for neutron stars in the physically relevant domain
for several values of the dimensionless angular velocity Ω for the EOS FPS. (Ω = 0.01 corresponds to f = 323 Hz.) The
quadrupole moment is given in units of the solar mass times square kilometers, M⊙ km
2, the mass M in units of the
solar mass M⊙. The GB coupling constant α has the values α = 1, and 2. The solid black lines represent the secular
instability lines and the Keplerian sequences. (b) Same as (a) for the EOS DI-II.
that there is little dependence on α along most of the Keplerian sequence, while along the secular instability
line the quadrupole moment is larger for larger values of α, when compared at the same mass.
Let us now consider the quadrupole moment for a different set of sequences of neutron stars, where we fix
the reduced dimensionless angular momentum a/M , Eq. (42), and vary the angular velocity Ω. We exhibit
the quadrupole moment in units of M⊙ · km2 as a function of the angular velocity in units of Hz in Fig. 11(a)
for the fixed value of a/M = 0.4 and the values of the GB coupling constant α = 0, 1 and 2 for both EOSs
employed, FPS and DI-II and FPS [27]. Obviously, the different EOSs give rise to rather different values for the
quadrupole moment Q for the same values of the angular velocity Ω. We also observe a pronounced dependence
on α for the larger angular velocities.
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FIG. 11: (a) The quadrupole moment Q is shown versus the angular velocity Ω for neutron stars with fixed reduced
dimensionless angular momentum a/M = 0.4. The quadrupole moment is given in units ofM⊙ km
2, the angular velocity
Ω in units of Hz. The GB coupling constant α has the values α = 1, and 2. Employed are EOS DI-II and EOS FPS. (b)
The scaled moment of inertia Iˆ Eq. (45) versus the scaled quadrupole moment Qˆ Eq. (46) for the same set of solutions.
Clearly, the physical properties of neutron stars possess typically a pronounced dependence on the chosen
EOS. However, in recent years much effort has concentrated on the study of quantities, which are independent of
the EOS, or better, almost independent of the EOS. A prominent example are the so-called I-Love Q relations
for neutron stars which represent universal relations holding between the scaled moment of inertia, the Love
number, and the scaled quadrupole moment in Einstein gravity [4–6].
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These relations have been considered first for the slowly rotating case [4–6]. For instance, the I-Q relation
between the scaled moment of inertia Iˆ
Iˆ =
J
ΩM3
c4
G2
(45)
and the scaled quadrupole moment Qˆ
Qˆ =
QM
J2
c2 (46)
has yielded a mean square fit for the function Iˆ(Qˆ), from which the values of any of the large number of different
EOSs employed differ by less than one percent [4].
For the generalization to rapidly rotating neutron stars, it has turned out, that one needs to consider the
relation Iˆ(Qˆ) at fixed values of the reduced dimensionless angular momentum a/M in order to obtain near EOS
independence [76, 77]. This is the reason, that we have considered the fixed a/M sequences in Fig. 11.
Let us now address the I-Q relation for dEGB theory. To this end we exhibit the scaled moment of inertia
Iˆ versus the scaled quadrupole moment Qˆ in Fig. 11(b) for a fixed value of a/M = 0.4 both for the EOS DI-II
and the EOS FPS [27]. Clearly, the dependence of the Iˆ-Qˆ relation on the equation of state (for fixed α) is
very weak, although it increases slightly with increasing α. Thus the dEGB theory possesses basically the same
universal I-Q relation as GR. Similar findings were obtained in STT [78] (see also [11]).
G. Deformation and Shape
Let us finally address the deformation and the shape of rapidly rotating neutron stars. Since the centrifugal
forces deform the neutron stars, their equatorial radius Re increases and the neutron stars flatten. To give an
invariant account of this deformation we consider the ratio of the polar radius Rp to the equatorial radius Re,
defined in Eqs. (36) and (35), respectively. In Fig. 12 we show this ratio versus the mass for α = 1 and 2 for
both EOSs employed. As expected the deformation is strongest along the Keplerian sequence, when the star
gets unstable with respect to losing mass.
(a)
 0.75
 0.8
 0.85
 0.9
 0.95
 1
 1  1.2  1.4  1.6  1.8  2  2.2
EOS: FPS
α=1.0
α=2.0
R
p/R
e
M[M⊙]
Ω=0.020
Ω=0.030
Ω=0.035
Ω=0.040
(b)
 0.75
 0.8
 0.85
 0.9
 0.95
 1
 1.4  1.5  1.6  1.7  1.8  1.9  2  2.1  2.2  2.3
EOS: DI-II α=1.0α=2.0
R
p/R
e
M[M⊙]
Ω=0.020
Ω=0.030
Ω=0.038
FIG. 12: (a) The ratio of the polar to the equatorial radius, Rp/Re, is shown versus the mass M for neutron stars in
the physically relevant domain for several values of the dimensionless angular velocity Ω for the EOS FPS. (Ω = 0.01
corresponds to f = 323 Hz.) The mass M is given in units of the solar mass M⊙. The GB coupling constant α has the
values α = 1, and 2. The solid black lines represent the secular instability lines and the Keplerian sequences. (b) Same
as (a) for the EOS DI-II.
To visualize the geometry of the surface of the neutron stars we calculate the isotropic embedding of the
surface for several examples. We exhibit the isotropic embedding in Figs. 13, where we choose for each EOS
one star close to the secular instability line and one star close to the Kepler limit and the GB coupling α = 1.
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FIG. 13: (a) Isometric embedding of the surface of a star close to the secular instability line with mass M = 1.93M⊙
and equatorial radius Re = 10.4 km and of a star close to the Kepler limit with mass M = 1.00M⊙ and equatorial radius
Re = 15.9 km for the EOS FPS and GB coupling constant α = 1. (b) Analogous to (a) for stars with mass M = 2.08M⊙
and equatorial radius Re = 12.3 km and mass M = 1.40M⊙ and equatorial radius Re = 19.8 km for the EOS DI-II.
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FIG. 14: (a) Isosurfaces of constant energy density ǫ/c2 in units of 1015 g/cm3 for the large mass star of Fig. 13(a). (b)
Same as (a) for the large mass star of Fig. 13(b). (c) Same as (a) for the lower mass star of Fig. 13(a). (d) Same as (a)
for the lower mass star of Fig. 13(b).
For the stars rotating close to the Kepler limit a cusp will develop at the surface in the equatorial plane, when
the limit is reached.
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The distribution of the energy density ǫ is another physical quantity of interest. We therefore exhibit contours
of constant energy density versus the coordinates X = ±r sin θ and Z = r cos θ (0 ≤ θ ≤ π) in Figs. 14. For
better comparison, we choose the same neutron star solutions for the contours of the energy density as for the
isotropic embeddings. The energy density ǫ/c2 contours are shown in units of 1015 g/cm3. Note the higher
central densities for the stars with the EOS FPS. The GB coupling has the value α = 1.
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FIG. 15: The energy density ǫ/c2 is shown in units of 1015 g/cm3 for the examples of Figs. 14.
The inner structure of these neutron stars is illuminated further in Figs. 15, where we exhibit colour encoded
plots for the energy density for the same set of examples and order of the figures as in Figs. 14.
IV. CONCLUSIONS
We have considered rapidly rotating neutron stars in dEGB theory, a generalized model of gravity inspired
by heterotic string theory. Whereas static and slowly rotating neutron stars have been studied before in this
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theory, we have here obtained for the first time the full domain of physically relevant neutron stars and its
dependence on the GB coupling constant α.
Delimited by the static and Keplerian sequences as well as by the secular instability line, our results show
that this domain decreases as the GB coupling constant α increases. Employing dimensionless quantities we
have chosen two values for the dimensionless α (Eq. (12), α = 1 and 2, which are below the observational
limit (α = 12) obtained from binaries [65] and below the limit (α = 3.4) obtained from the study of static
neutron stars in dEGB theory [16]. The latter limit arises from the fact that if we were to increase α further, we
would soon encounter a genuine dEGB effect known for black holes, wormholes and neutron stars [16, 18–21]:
somewhere along the sequences of neutrons stars the solutions would stop existing, since the dilaton equation
would no longer yield a real solution, leading to a completely different type of boundary for the domain of
rotating neutron stars and also to a limit on α [16].
For the EOS of the neutron stars we have selected two simple examples, the EOS DI-II [28] and an approx-
imation to the EOS FPS [29, 30], both representing polytropic EOSs widely used before in the calculation of
neutron stars. Since both EOSs do not yield a maximum mass of 2M⊙ in the static case and for slow rotation,
the present studies should be extended to investigate further EOSs, yielding higher masses. In the static case,
this has already been achieved in [23] for a set of eight realistic EOSs. For the rapidly rotating case, however,
the current numerical scheme will need to be revised first in order to achieve higher efficiency. This also holds
for a further increase of the GB coupling constant α.
Concerning the dependence of the physical properties of the neutron stars on the GB coupling α we note that
the maximum masses are smaller for larger values of α while the minimum radii are larger. For the smaller
masses and larger radii the Kepler limit is (almost) independent of α. The compactness of the neutron stars
decreases with increasing α.
Besides the global charges mass and angular momentum, neutron stars in dEGB theory carry also a scalar
charge, the dilaton charge. This scalar charge arises only because of the exponential coupling of the dilaton to
the GB term. In contrast, for a linear coupling the scalar charge would vanish [75]. For exponential coupling
therefore scalar dipole radiation would arise in a compact binary system whether or not one of the constituents
is a black hole [65].
For the quadrupole moment of neutron stars we have employed the definition of Geroch and Hansen [79, 80],
giving a brief derivation of the quadrupole moment in Appendix A. The resulting expression corresponds to
the expression for Kerr-Newman black holes, when the electric charge is replaced by the scalar charge. The
quadrupole moment exhibits a pronounced dependence on the EOS and on the GB coupling. The same is true
for the moment of inertia.
The moment of inertia and the quadrupole moment are known to exhibit a universal relation in GR for
slowly rotating neutron stars [4] as well as for rapidly rotating neutron stars, when the angular momentum is
appropriately fixed [76]. We have shown, that in dEGB theory neutron stars satisfy basically the same I-Q
relation as in GR, presenting only a very weak dependence on the GB coupling α.
Finally, we have addressed the deformation of the neutron stars which arises because of the rotation. For
neutron stars close to the Kepler limit, one notices the formation of a cusp at the surface in the equatorial plane.
Here mass shedding would occur when the Kepler limit is exceeded. Clearly, this phenomenon is independent
of the GB coupling (as long as neutron stars rotating at the Kepler limit exist in dEGB theory).
Turning now to future extensions of this work, first of all a more efficient numerical code should be developed,
which should allow the study of rapidly rotating neutron stars for a larger number of EOSs as well as the
determination of the domain of existence of neutron star solutions at large GB coupling.
From a string theoretical point of view, it would be very interesting to include further terms into the action.
Here, in particular, the effects of the Lorentz-Chern-Simons terms should be considered for rapidly rotating
neutron stars as well as the presence of Kalb-Ramond axions [40].
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Appendix A: Quadrupole Moment
Here we give a brief discussion of the derivation of the quadupole moment for neutron stars in order to see
the effect of the dilaton and the GB term. We employ the definitions of Geroch and Hansen [79, 80], and follow
closely the later references [81–83].
Let us start by reviewing the definition of the quadrupole moment in [81]. Let ξ be a time-like Killing vector
field on the space-time manifold with metric g and λ the squared norm of ξ. We then define the metric h on a
3-dimensional space by the projection
h = −λg + ξ ⊗ ξ . (A1)
A 3-dimensional space (M, h) is called asymptotically flat if it can be conformally mapped to a manifold (M˜, h˜)
with the properties
(i) M˜ =M∪ Λ, where Λ ∈ M˜
(ii) Ω˜
∣∣∣
Λ
= ∇i Ω˜
∣∣∣
Λ
= 0 and ∇i∇j Ω˜
∣∣∣
Λ
= h˜ij
∣∣∣
Λ
, where h˜ij = Ω˜
2hij .
In [81] the complex multipole tensors are defined recursively as follows,
P˜(0) = Φ˜,
P˜(1)i = ∂iΦ˜,
P˜(n+1)i1···in+1 = C
[
∇˜in+1P˜(n)i1···in −
1
2
n(2n− 1)R˜i1i2 P˜(n−1)i3···in+1
]
. (A2)
Here C denotes the symmetric trace-free part, R˜ij the Ricci tensor and ∇˜i the covariant derivative on (M˜, h˜).
Φ˜ = Ω˜−1/2Φ, where Φ is the complex mass potential. Setting n = 1 we find for the complex quadrupole
P˜(2)ij = C
[
∇˜j∇˜iΦ˜− 1
2
R˜ijΦ˜
]
. (A3)
Note, that the line element on M in [81] is chosen in Weyl coordinates,
dh2 = e2γ
(
dρ2 + dz2
)
+ ρ2dϕ2. (A4)
The transformation
ρ¯ =
ρ
ρ2 + z2
, z¯ =
z
ρ2 + z2
(A5)
leads to
dh2 =
1
r¯4
[
e2γ
(
dρ¯2 + dz¯2
)
+ ρ¯2dϕ2
]
, (A6)
with r¯2 = ρ¯2 + z¯2. Employing the conformal factor Ω˜ = r¯2 then leads to the line element on M˜
dh˜2 = Ω˜2dh2 = e2γ
(
dρ¯2 + dz¯2
)
+ ρ¯2dϕ2 . (A7)
Let us now turn to the EGBd solutions, which are obtained with the ansatz for the line element Eq. (8)
ds2 = −e2ν0dt2 + e2(ν1−ν0)
(
e2ν2
[
dr2 + r2dθ2
]
+ r2 sin2 θ (dϕ− ωdt)2
)
(A8)
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and consider its asymptotic behavior. In the asymptotic region the metric and dilaton functions possess the
expansion (23)-(27)
ν0 = −M
r
+
D1M
3r3
− M2
r3
P2(cos θ) +O(r−4), (A9)
ν1 =
D1
r2
+O(r−3), (A10)
ν2 = −4M
2 + 16D1 + q
2
8r2
sin2 θ +O(r−3), (A11)
ω =
2J
r3
+O(r−4), (A12)
φ =
q
r
+O(r−2). (A13)
We note that the function ω does not contribute to the qudrupole moment due to its fast decay. Consequently,
we will neglect ω in the following. Comparison of the line elements (A4) and (A8) then yields λ = e2ν0 and
dh2 = e2γ
(
dρ2 + dz2
)
+ ρ2dϕ2 (A14)
= e2(ν2+ν1)
(
dr2 + r2dθ2
)
+ e2ν1r2 sin2 θdϕ2
= e2(ν2+ν1)
(
dρˆ2 + dzˆ2
)
+ e2ν1 ρˆ2θdϕ2, (A15)
where we defined ρˆ = r sin θ and zˆ = r cos θ.
In the next step we transform to Weyl coordinates in the asymptotic region. Comparision of (A14) and (A15)
yields
ρ = ρˆeν1 = ρˆ
(
1 +
D1
r2
+O(r−3)
)
, (A16)
0 = ρ,ρˆρ,zˆ + z,ρˆz,zˆ, (A17)
e2γ = e2(ν2+ν1)
[
ρ2,ρˆ + z
2
,ρˆ
]−1
, (A18)
e2γ = e2(ν2+ν1)
[
ρ2,zˆ + z
2
,zˆ
]−1
. (A19)
We solve Eq. (A17) by the ansatz z,ρˆ = ρ,zˆ z,zˆ = −ρ,ρˆ. Integration then yields
z = zˆ
(
−1 + D1
r2
+O(r−3)
)
, (A20)
where the integration constant has been set to zero. Note, that with this ansatz Eqs. (A18) and (A19) are
identical.
Inversion of the above relations yields the coordinates ρˆ, zˆ as functions of the Weyl coordinates ρ, z,
ρˆ = ρ
(
1− D1
r′2
+O(r′−3)
)
, zˆ = z
(
−1− D1
r′2
+O(r′−3)
)
, (A21)
with r′2 = ρ2 + z2. Substitution in the expansion Eqs. (A9)-(A11) and
[
ρ2,ρˆ + z
2
,ρˆ
]
then yields
γ = −ρ
2
(
4M2 + q2
)
8r′4
+O(r′−4) . (A22)
In these coordinates we find for the mass potential Φ
Φ =
λ2 − 1
4λ
= − 1
r′
(
M +
2M3
3r′2
−
[
M2
2
− 2
3
MD1
]
ρ2 − 2z2
r′4
+O(r′−3)
)
. (A23)
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Next we use the conformal mapping
ρ =
ρ¯
r¯2
, z =
z¯
r¯2
, (A24)
to find γ and the mass potential Φ˜ = 1r¯Φ = r
′Φ on the 3-dimensional manifold M˜,
γ = − ρ¯
2
(
4M2 + q2
)
8
+O(r¯4), (A25)
Φ˜ = −
(
M +
2M3
3
r¯2 −
[
M2
2
− 2
3
MD1
] (
ρ¯2 − 2z¯2)+O(r¯3)
)
. (A26)
Since by now everything is expressed in the appropriate coordinates we can apply Eq. (A3) to compute the
z¯z¯ component of the quadrupole tensor at Λ = 0, i.e., r¯ = 0. The scalar quadrupole moment Q is then given
by Eq. (28)
Q =
1
2
P˜(2)zz (0) = −M2 +
4
3
[
1
4
+
D1
M2
+
q2
16M2
]
M3. (A27)
Note, that in the vacuum limit, when the dilaton charge vanishes, the quadrupole moment Q is the same as in
[83] (up to an overall sign), with b = D1/M
2. On the other hand, in the static limit the solution is spherically
symmetric. In this case M2 = 0 and 4M
2 + 16D1 + q
2 = 0. Consequently, the quadrupole moment vanishes in
the static limit.
We further note, that EGBd theory and Einstein-Maxwell theory have the same expansion as far as the
lower order terms are concerned. First, there is no contribution from the Gauss-Bonnet term since it decays
sufficiently fast. Second, the dilaton field enters only via the Coulomb-like term qr , which coincides with the
analogous term in Einstein-Maxwell theory in the lowest order of the expansion. Therefore, since EGBd theory
and Einstein-Maxwell theory then describe the same spacetime (up to higher order terms), the expression for
the quadrupole moment also coincides for both theories.
[1] J. M. Lattimer, Ann. Rev. Nucl. Part. Sci. 62, 485 (2012) [arXiv:1305.3510 [nucl-th]].
[2] P. Demorest, T. Pennucci, S. Ransom, M. Roberts and J. Hessels, Nature 467, 1081 (2010) [arXiv:1010.5788 [astro-
ph.HE]].
[3] J. Antoniadis et al., Science 340, 6131 (2013) [arXiv:1304.6875 [astro-ph.HE]].
[4] K. Yagi and N. Yunes, Science 341, 365 (2013) [arXiv:1302.4499 [gr-qc]].
[5] K. Yagi, K. Kyutoku, G. Pappas, N. Yunes and T. A. Apostolatos, Phys. Rev. D 89, 124013 (2014) [arXiv:1403.6243
[gr-qc]].
[6] K. Yagi, L. C. Stein, G. Pappas, N. Yunes and T. A. Apostolatos, Phys. Rev. D 90, 063010 (2014) [arXiv:1406.7587
[gr-qc]].
[7] N. Andersson and K. D. Kokkotas, Mon. Not. Roy. Astron. Soc. 299, 1059 (1998) [gr-qc/9711088].
[8] O. Benhar, E. Berti and V. Ferrari, Mon. Not. Roy. Astron. Soc. 310, 797 (1999) [gr-qc/9901037].
[9]
[9] J. L. Blazquez-Salcedo, L. M. Gonzalez-Romero and F. Navarro-Lerida, Phys. Rev. D 87, 104042 (2013)
[arXiv:1207.4651 [gr-qc]].
[10] J. L. Blazquez-Salcedo, L. M. Gonzalez-Romero and F. Navarro-Lerida, Phys. Rev. D 89, 044006 (2014)
[arXiv:1307.1063 [gr-qc]].
[11] E. Berti et al., Class. Quant. Grav. 32, 243001 (2015) [arXiv:1501.07274 [gr-qc]].
[12] T. Damour and G. Esposito-Farese, Phys. Rev. Lett. 70, 2220 (1993).
[13] D. D. Doneva, S. S. Yazadjiev, N. Stergioulas and K. D. Kokkotas, Phys. Rev. D 88, 084060 (2013). [arXiv:1309.0605
[gr-qc]].
[14] D. J. Gross, J. H. Sloan, Nucl. Phys. B291, 41 (1987).
[15] R. R. Metsaev, A. A. Tseytlin, Nucl. Phys. B293 , 385 (1987).
[16] P. Pani, E. Berti, V. Cardoso and J. Read, Phys. Rev. D 84, 104035 (2011) [arXiv:1109.0928 [gr-qc]].
[17] This is analogous to the behavior of the expansions of the dilaton field at the horizon of black holes [18–20] or at
the throat of wormholes [21] in dEGB theory.
23
[18] P. Kanti, N. E. Mavromatos, J. Rizos, K. Tamvakis and E. Winstanley, Phys. Rev. D 54, 5049 (1996)
[hep-th/9511071].
[19] B. Kleihaus, J. Kunz and E. Radu, Phys. Rev. Lett. 106, 151104 (2011) [arXiv:1101.2868 [gr-qc]].
[20] B. Kleihaus, J. Kunz, S. Mojica and E. Radu, arXiv:1511.05513 [gr-qc].
[21] P. Kanti, B. Kleihaus and J. Kunz, Phys. Rev. Lett. 107, 271101 (2011) [arXiv:1108.3003 [gr-qc]]; P. Kanti, B. Klei-
haus and J. Kunz, Phys. Rev. D 85, 044007 (2012) [arXiv:1111.4049 [hep-th]].
[22] J. B. Hartle, Astrophys. J. 150, 1005 (1967).
[23] J. L. Bla´zquez-Salcedo, L. M. Gonza´lez-Romero, J. Kunz, S. Mojica and F. Navarro-Le´rida, Phys. Rev. D, in press,
arXiv:1511.03960 [gr-qc].
[24] N. Stergioulas, Living Rev. Rel. 6, 3 (2003) [gr-qc/0302034].
[25] E. Gourgoulhon, arXiv:1003.5015 [gr-qc].
[26] J. L. Friedman and N. Stergioulas, “Rotating Relativistic Stars,” Cambridge University Press, Cambridge 2013.
[27] B. Kleihaus, J. Kunz and S. Mojica, Phys. Rev. D 90, 061501 (2014) [arXiv:1407.6884 [gr-qc]].
[28] J. Diaz-Alonso and J.M. Iban˜ez-Cabanell, Astrophys. J. 291, 308 (1985).
[29] C. P. Lorenz, D. G. Ravenhall and C. J. Pethick, Phys. Rev. Lett. 70, 379 (1993).
[30] P. Haensel and A. Y. Potekhin, Astron. Astrophys. 428, 191 (2004) [astro-ph/0408324].
[31] W. A. Chemissany, M. de Roo and S. Panda, JHEP 0708, 037 (2007) [arXiv:0706.3636 [hep-th]].
[32] O. Lechtenfeld, C. Nolle and A. D. Popov, JHEP 1009, 074 (2010) [arXiv:1007.0236 [hep-th]]; A. Chatzistavrakidis,
O. Lechtenfeld and A. D. Popov, JHEP 1204, 114 (2012) [arXiv:1202.1278 [hep-th]].
[33] S. R. Green, E. J. Martinec, C. Quigley and S. Sethi, Class. Quant. Grav. 29 (2012) 075006 doi:10.1088/0264-
9381/29/7/075006 [arXiv:1110.0545 [hep-th]].
[34] F. F. Gautason, D. Junghans and M. Zagermann, JHEP 1206, 029 (2012) [arXiv:1204.0807 [hep-th]].
[35] C. Quigley, JHEP 1506 (2015) 104 doi:10.1007/JHEP06(2015)104 [arXiv:1504.00652 [hep-th]].
[36] D. Kutasov, T. Maxfield, I. Melnikov and S. Sethi, Phys. Rev. Lett. 115 (2015) 7, 071305
doi:10.1103/PhysRevLett.115.071305 [arXiv:1504.00056 [hep-th]].
[37] G. W. Gibbons, Nucl. Phys. B 207, 337 (1982).
[38] G. W. Gibbons and K. i. Maeda, Nucl. Phys. B 298, 741 (1988).
[39] C. G. Callan, Jr., R. C. Myers and M. J. Perry, Nucl. Phys. B 311, 673 (1989).
[40] B. A. Campbell, M. J. Duncan, N. Kaloper and K. A. Olive, Phys. Lett. B 251, 34 (1990).
[41] D. Garfinkle, G. T. Horowitz and A. Strominger, Phys. Rev. D 43, 3140 (1991) [Phys. Rev. D 45, 3888 (1992)].
[42] B. A. Campbell, N. Kaloper and K. A. Olive, Phys. Lett. B 263, 364 (1991).
[43] A. D. Shapere, S. Trivedi and F. Wilczek, Mod. Phys. Lett. A 6, 2677 (1991).
[44] B. A. Campbell, N. Kaloper and K. A. Olive, Phys. Lett. B 285, 199 (1992).
[45] S. Mignemi and N. R. Stewart, Phys. Rev. D 47 (1993) 5259 [arXiv:hep-th/9212146].
[46] S. Mignemi and N. R. Stewart, Phys. Lett. B 298, 299 (1993) [hep-th/9206018].
[47] J. H. Horne and G. T. Horowitz, Nucl. Phys. B 399, 169 (1993) [hep-th/9210012]
[48] P. Kanti and K. Tamvakis, Phys. Rev. D 52, 3506 (1995) [hep-th/9504031].
[49] V. P. Frolov, A. I. Zelnikov and U. Bleyer, Annalen Phys. 44, 371 (1987).
[50] A. Sen, Phys. Rev. Lett. 69, 1006 (1992) [hep-th/9204046].
[51] A. Garcia, D. Galtsov and O. Kechkin, Phys. Rev. Lett. 74, 1276 (1995).
[52] D. Rasheed, Nucl. Phys. B 454, 379 (1995) [hep-th/9505038].
[53] D. Youm, Phys. Rept. 316, 1 (1999) [hep-th/9710046].
[54] T. Torii, H. Yajima and K. i. Maeda, Phys. Rev. D 55, 739 (1997) [gr-qc/9606034].
[55] S. O. Alexeev and M. V. Pomazanov, Phys. Rev. D 55, 2110 (1997) doi:10.1103/PhysRevD.55.2110 [hep-th/9605106].
[56] F. Moura and R. Schiappa, Class. Quant. Grav. 24, 361 (2007) [hep-th/0605001].
[57] Z. K. Guo, N. Ohta and T. Torii, Prog. Theor. Phys. 120, 581 (2008) [arXiv:0806.2481 [gr-qc]].
[58] C. M. Chen, D. V. Gal’tsov, N. Ohta, D. G. Orlov, Phys. Rev. D81 (2010) 024002 [arXiv:0910.3488 [hep-th]].
[59] P. Pani and V. Cardoso, Phys. Rev. D 79, 084031 (2009) [arXiv:0902.1569 [gr-qc]].
[60] P. Pani, C. F. B. Macedo, L. C. B. Crispino and V. Cardoso, Phys. Rev. D 84, 087501 (2011) [arXiv:1109.3996
[gr-qc]].
[61] D. Ayzenberg and N. Yunes, Phys. Rev. D 90, 044066 (2014) [Phys. Rev. D 91, 069905 (2015)] [arXiv:1405.2133
[gr-qc]].
[62] A. Maselli, P. Pani, L. Gualtieri and V. Ferrari, Phys. Rev. D 92, no. 8, 083014 (2015) [arXiv:1507.00680 [gr-qc]].
[63] R. M. Wald, “General Relativity,” (University of Chicago Press, Chicago, 1984)
[64] B. Kleihaus and J. Kunz, Phys. Rev. Lett. 86, 3704 (2001). [arXiv:gr-qc/0012081].
[65] K. Yagi, Phys. Rev. D 86, 081504 (2012). [arXiv:1204.4524 [gr-qc]].
[66] K. Yagi, L. C. Stein and N. Yunes, Phys. Rev. D 93 (2016) 2, 024010. [arXiv:1510.02152 [gr-qc]].
[67] W. Scho¨nauer and R. Weiß, J. Comput. Appl. Math. 27, 279 (1989) 279;
M. Schauder, R. Weiß and W. Scho¨nauer, The CADSOL Program Package, Universita¨t Karlsruhe, Interner Bericht
24
Nr. 46/92 (1992).
[68] U. Ascher, J. Christiansen, R. D. Russell, A collocation solver for mixed order systems of boundary value problems,
Mathematics of Computation 33, 659 (1979);
U. Ascher, J. Christiansen, R. D. Russell, Collocation software for boundary-value ODEs, ACM Transactions 7, 209
(1981).
[69] J. L. Friedman, J. R. Ipser and R. D. Sorkin, Astrophys. J. 325, 722 (1988).
[70] J. W. T. Hessels, S. M. Ransom, I. H. Stairs, P. C. C. Freire, V. M. Kaspi and F. Camilo, Science 311, 1901 (2006)
[astro-ph/0601337].
[71] F. Cipolletta, C. Cherubini, S. Filippi, J. A. Rueda and R. Ruffini, Phys. Rev. D 92, 023007 (2015) [arXiv:1506.05926
[astro-ph.SR]].
[72] C. E. Rhoades, Jr. and R. Ruffini, Phys. Rev. Lett. 32, 324 (1974).
[73] G. B. Cook, S. L. Shapiro and S. A. Teukolsky, Astrophys. J. 422, 227 (1994).
[74] G. B. Cook, S. L. Shapiro and S. A. Teukolsky, Astrophys. J. 424, 823 (1994).
[75] K. Yagi, L. C. Stein, N. Yunes and T. Tanaka, Phys. Rev. D 85, 064022 (2012) [arXiv:1110.5950 [gr-qc]].
[76] S. Chakrabarti, T. Delsate, N. Gu¨rlebeck and J. Steinhoff, Phys. Rev. Lett. 112, 201102 (2014) [arXiv:1311.6509
[gr-qc]].
[77] D. D. Doneva, S. S. Yazadjiev, N. Stergioulas and K. D. Kokkotas, Astrophys. J. 781, L6 (2013) [arXiv:1310.7436
[gr-qc]].
[78] D. D. Doneva, S. S. Yazadjiev, K. V. Staykov and K. D. Kokkotas, Phys. Rev. D 90, 104021 (2014) [arXiv:1408.1641
[gr-qc]].
[79] R. P. Geroch, J. Math. Phys. 11, 2580 (1970).
[80] R. O. Hansen, J. Math. Phys. 15, 46 (1974).
[81] C. Hoenselaers and Z. Perjes, Class. Quant. Grav. 7, 1819 (1990).
[82] T. P. Sotiriou and T. A. Apostolatos, Class. Quant. Grav. 21, 5727 (2004) [gr-qc/0407064].
[83] G. Pappas and T. A. Apostolatos, Phys. Rev. Lett. 108, 231104 (2012) [arXiv:1201.6067 [gr-qc]].
